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Chapter 1

Introduction

The dynamical evolution of planetary and protoplanetary structures represents
one of the major challenges in the modern computational astrophysics. Celestial
mechanics, which is the main theoretical tool, saw a large development leading
to the great successes of the discovery of external planets of the solar system
and the intra-solar system probes. Unfortunately, the field of planetary dynam-
ics has been little considered in the recent past because it seemed that most of
the output has already been obtained. Nowadays, with the ever rising number
of exoplanetary systems discoveries and with the increasing details in the infor-
mation about their characteristics and architectures, it has become clear that an
interpretation on the base of a study of their dynamics is getting more and more
important, in particular when the system is young and still embedded in a stellar
environment. The focus of this thesis is to investigate the dynamical evolution
of a young planetary system under exogenous perturbations in a typical open
stellar cluster.

We start, in Chapter 2, explaining the characteristics of planetary and protoplan-

etary systems, investigating their structure and evolution in the light of thousand
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extrasolar planetary systems discovered in the last decades.

In Chapter 3 we explain the planet-disk interactions in presence of a low-mass
gaseous disk when a young planet is still forming (Type I migration) and when
it is fully formed (Type II migration).

In Chapter 4 we deal with the state of the art of the numerical investigations of
young circumstellar structures, exploiting a modern hydrodynamical approach:
Smoothed Particles Hydrodynamic (SPH).

In Chapter 5, we show the results of our numerical simulations of the dynamics
of a young planetary system embedded in a young stellar cluster.

Finally, in Chapter 6, we discuss some relevant astrophysical aspects and impli-
cations and potential future perspectives are outlined in Chapter 7.

Part of this work has been done in collaboration with the Racah Institute of
Physics at The Hebrew University of Jerusalem (Israel) and the Department of
Astrophysics in the Rose Center for Earth and Space at the American Museum

of Natural History (USA).



Chapter 2

Protoplanetary disks and

planetary systems

A protoplanetary system is a structure composed by a young central star sur-
rounded by gas, dust and planetary seeds. It represents the ancestor of planetary
systems like our Solar System. The young central star, usually called protostar,
is in the early stage of the star formation, before the beginning of its inner nu-
cleosynthesis. The dust component is generally a fraction (in mass) ﬁ of the
gaseous component, but this ratio may slightly increase moving inwards the sys-

tem. The planetary seeds with an initial mass ~ 1Mg, are the candidate planetary

cores of the future planetary system.

How the rocky planets and the rocky cores of the gaseous giant planets form
interacting with the gaseous system is explained by the well known accretion
model (Pollack et al., 1996 and see Fig 2.1). However if we consider some giant
gaseous planets around solar-type star with semi-major axis > 10 AU around
the central star, this accretion scenario doesn’t clearly explain their formation in

a timescale comparable to the life-time of the disk: the Gravitational Instability

3
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Figure 2.1: The planet’s mass accretion as a function of time. The planet is lo-
cated at 5.2 AU, the initial surface density of the protoplanetary disk is 10 g/cm?,
and planetesimals that dissolve during their journey through the planet’s en-
velope are allowed to sink to the planet’s core. The solid line (My) represents
accumulated solid mass, the dotted line (Mxy) accumulated gas mass, and the
dot-dashed line (M,) the planet’s total mass. The planet’s growth occurs during
the first ~ 105 years, the planet accumulates solids by rapid runaway accretion
and this phase ends when the planet has severely depleted its feeding zone of

planetesimals (from Pollack et al., 1996).



scenario may explain a formation in situ of these massive planets in wide orbits.
In any case, when the gas depletes and most of the dust has accreted into larger
objects, like planets and planetesimals, a planetary system is formed. However,
in order to be defined “planet”, this celestial body, according to the International

Astronomical Union (IAU), must satisfy the following requirements:
1. To be in orbit around the Sun.

2. To have sufficient mass for its self-gravity to overcome rigid body forces

so that it assumes a hydrostatic equilibrium (nearly round) shape.

3. To have cleared the neighbourhood around its orbit.

Hence, following this definition, as shown in the Fig. the eight planets of
the Solar System are: Mercury, Venus, Earth, Mars, Jupiter, Saturn, Uranus, and
Neptune. In this frame, Pluto, which was considered a planet until the IAU 2006
General Assembly, is now defined a “dwarf planet” and recognized as the proto-

type of a new category of “Trans-Neptunian Objects”.

4 3 ¢ “Planets” or
¥ ) “Classical Planets”

Dwarf
Planets

Figure 2.2: The eight planets and the dwarf planets of our Solar System according

to the results of the IAU 2006 General Assembly (from: https://www.iau.org).
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2.1 Protoplanetary disks

The disk is the main substratum where the whole dynamical evolution of the
protoplanetary system takes hold; we describe its vertical structure with some
geometrical assumptions and approximations like the razor-thin disk (section
2.2) and the flared disk one (section 2.3).

Planets form from protoplanetary disks observed to surround young stars (Haisch
et al., 2001). Observationally, most of the star formation occurs in young stellar
clusters, where many stars are part of binary or small multiple systems (Duquen-
noy, 1991). Once disks have formed, the three dominant environmental effects
are stellar flybys inside the cluster, close binary companions (if present) and the
external radiation produced by other stars in the cluster (especially massive ones
that produce strong ultraviolet fluxes and pressure).

At the fist stage of their formation, the protoplanetary disks are composed by
non homogeneous structures, such as the molecular clouds. Inside these struc-
tures, stars form from dense gaseous cores. Goodman et al. (1993), from an
observational analysis, estimated the typical ratio between the rotational energy

and the gravitational energy in dense cores:

_ Erot ~
| Egrav|

I5; 0.02;

Later Armitage (2010), in the hypothesis of a uniform density sphere in solid
body rotation of a core with a mass 1 M, and a radius of 0.05 pc, for 5 = 0.02

estimated an angular momentum:

Joore = 1074 g em? st

which exceeding roughly four orders of magnitude the total angular momen-

tum in the Solar System. Understanding how this angular momentum is lost
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and/or redistributed during, or subsequently, the collapse represents the heart of
the “angular momentum problem of star formation”. If a solar-mass star forms
from such a cloud, the mean specific angular momentum is l.ore = Jeore/Me =
4 x 102°cm?s~!. The gas with this angular momentum circularizes around the
newly formed star at the radius, 7., where the specific angular momentum of

a Keplerian orbit equals that of the core:

lcore =V GM(Drcirc (21)

with the values r.,. =~ 100AU. Hence, the formation of disks with sizes com-
parable to, or larger than, the Solar System is an inevitable consequence of the
collapse of molecular cloud cores.

The equilibrium structure of a protoplanetary, self-gravitationally, disk orbiting
a star is determined by solving the hydrodynamic equations and the Poisson’s
equation for the gravitational potential. However no analytic solutions exist, and
in order to solve the complex hydrodynamic equations and Poisson’s equation

for a protoplanetary disks we considered this simplification:

« The vertical thickness of the disk H is a small fraction of the maximum

orbital radius H/r < 1.

The classical structure of a geometrically thin protoplanetary disk follows
from considering the vertical force balance at height z above the mid-plane in a
disk orbiting at the cylindrical radius r around a star of mass M,. The vertical

component of the gravitational acceleration:

GM, z ‘
(r2+ 22) (12 + 22)1/2

must balance the acceleration due to the vertical pressure gradient in the gas

g, = gsinf = (2.2)

(1/p)(dP/dz). If we assume that the disk is vertically isothermal (a reasonable
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hypothesis if the temperature of the gas is set by stellar the radiation) writing

the pressure as P = pc,? (with ¢, the sound speed) we have:

dp GM,z
200 * .
G = —mp ; (2.3)
with the solution:
G M,
p = Cexp [032(7“2 n 22)1/2] ; (2.4)

where the constant of integration C' is set by the mid-plane density.
For a thin disk z < r and g. ~ Q%z, where Q = /GM, /r? is the Keplerian

angular velocity, thus the vertical density profile has the form:
p=poc (2.5)

where the mid-plane density py can be written in terms of initial total surface

density Xy as:

1 X (2.6)
Po = /_271' H’ .
and H, the vertical disk scale-height, is given by,
Cs
H== 2.7
Q Y ( )
The corresponding isothermal sound speed is
kT
¢t =2, (2.8)
wmp

where kg is the Boltzmann constant and p is the mean molecular weight
in units of the proton mass m,. As reported by Armitage (2010), considering a
molecular gas of cosmic composition with ¢ = 2.3, ¢; =~ 0.6kms~!, at 1 AU
around a solar-mass star, the ratio H/r is ~ 0.02, implying that the condition of

a disk geometrically thin is adequately satisfied.
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2.1.1 Razor-thin disk

The temperature profile and spectral energy distribution of a protoplanetary disk
are essentially determined by the shape of the disk (flat, flared, or warped) and
by thermal mechanism of absorption and emission of the radiation. The simplest
model of protoplanetary disk is the flat razor-thin disk that absorbs all incident
stellar radiation and re-emits it locally as a black-body. We consider a surface
coplanar to the plane of the disk at distance r from a star of radius R,. The star
is assumed to be a sphere of constant surface brightness I,. Setting up spherical
polar coordinates such that the axis of the coordinate system points to the center

of the star (see Fig[2.3), the stellar flux, passing through this surface, is:
F= /I* sinf cos¢ dS2; (2.9)

where df2 represents the element of solid angle. We count the flux coming
from the top half of the star only (and to be consistent equate that to radiation

from only the top surface of the disk), so the limits on the integral are

| X

<¢<

b

0<0<sin? <—*>;
,
which gives

penfr (%) (A (E)] e

For a star with effective temperature T, the brightness is I, = (1/7)oT},
with o the Stefan-Boltzmann constant. Equating the to the disk emission,

0T}, we obtain a radial temperature profile:

(F2) =2l () -CWi-() T e
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Figure 2.3: Geometry for calculation of the radial temperature profile of a razor-

thin protoplanetary disk (from Armitage, 2010).

Integrating over radii, the total disk luminosity is:

1
Lgisr, = ZL*; (2.12)

Therefore, a flat disk intercepts a quarter of the stellar flux.
Expanding the right side of in Taylor series in the limit that % < 1 (ie.

far from the star) the temperature profile is:
3/4

Thisk, o< 7%

as the limiting temperature profile of a thin, flat disk.

Moreover, assuming vertical isothermality, the ratio % is

predicting a modest flaring at large radii.

2.1.2 Flared disk

The next step to describe a protoplanetary disk closer to a real protoplanetary

disk, is to consider a flared disk. The disk is described as flared if at the cylindrical
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distance r from the star, it absorbs stellar radiation at a height /,, above the mid-
plane and if the ratio H,,/r is an increasing function of radius. Features of flared
disks are, first, that all points on the surface of the disk have a clear line of sight to
the star and, second, the disk subtends a greater solid angle than a razor-thin disk.
In this way, flared disks absorb a greater fraction of the stellar radiation than flat
disks, and thus produce a stronger IR excess. The temperature profile of a flared
disk can be computed in the same way of the razor-thin disk, integrating over
the part of the stellar surface visible from the disk surface at radius r (Kenyon &

Hartmann, 1987).

Angle o between radiation and
tangent to disk surface

Figure 2.4: Geometry for the calculation of the radial temperature profile of a
flared protoplanetary disk. At the distance r > R, radiation from the star is
absorbed by the disk at height h, above the mid-plane. The angle between the

tangent to the disk surface and radiation is « (from Armitage P., 2010)

Adopting the approximation r > R,, the star can be considered a point
source of radiation. At the cylindrical distance r, the stellar radiation is absorbed
by the disk at height /7, above the mid-plane. Note that /1, is not the same as
the disk scale-height H, since the absorption of stellar radiation depends not
just on the density but also on the opacity of the disk. From consideration of the

geometry (see Fig. [2.4), the angle between the incident radiation and the local
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disk surface is given by:

_di,  Hy

2.13
T r (213)
The rate of heating per unit disk area at distance 7 is:
L
=2 (—*; ) 2.14
Qi =20(1 % (2.14)

Equating the heating rate to the rate of cooling by black-body radiation,

Q_=20T5 (2.15)

the temperature profile becomes:

L \1/4 _
Taisk = <R> al /Ayt (2.16)

Since L, = 4w R20T, an equivalent expression is:

Taisk _ (R* ) 1/2a1/4

T. o

(2.17)

Assuming a relation between H and H,, it may be plausible if the disk is very
optically thick, Kenyon & Hartmann (1987), at large radii, find that the surface
temperature is:

Tuisi(r) o< 772,

which is flatter than the Ty, o< r—3/4 profile of a flat disk.
The formalism of the flared disk and its dynamical viscous evolution will be nu-
merically studied in the Chapter 5.1 and simulated in our theoretical investiga-

tion in the Chapter 5.2.
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2.2 Planetary systems

A planetary system is a set of gravitationally bound non-stellar objects around a
single (or multiple) stellar type object. We consider the transition from the phase
of protoplanetary to planetary system when the gas is mostly depleted and the
dust, mostly dragged by the dynamics of the gas , is accreted into larger objects
like planetary cores and planetesimals. The first and well known planetary sys-
tem is, of course, our Solar System. It is composed by eight planets where the
four smaller inner planets, called terrestrial, are Mercury, Venus, Earth and Mars,
being primarily composed of rock and metal. The four outer planets are giant
planets, being substantially more massive than the terrestrials. The two largest,
Jupiter and Saturn, are gas giants, composed mainly of hydrogen and helium;
the two outermost planets, Uranus and Neptune, are ice giants, being composed
mostly of substances with relatively high melting points compared with hydro-
gen and helium, such as water, ammonia and methane. All eight planets have
almost circular orbits that lie within a nearly flat disk called the ecliptic. How-
ever our planetary system is not the only one: beyond our Solar System, the tally
of known extrasolar planets stands at 4118 (exoplanet.eu) with nearly 2498 more
candidates waiting to be confirmed. The present number of exoplanetary sys-
tems, composed by at least two planets, is 877. The most part of these systems
are discovered through “dynamical signatures”, which signal the presence of a
companion by the orbital motion of the host stars among the barycenter of the
star-planet system (variation in radial velocities) and information coming from
the direct measurement of the light of the star-planet system (transits). The mo-
tion of a single planet in a circular orbit around a star causes the star to undergo a
reflex circular motion around the star-planet barycentre, with orbital semi-major

axis a, = a(M,/M,) and period P. This results in the periodic perturbation of


http://exoplanet.eu/
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the stellar spectrophotometric information, which are detected in radial velocity

and in time of arrival of some periodic reference signal.

Variation in radial velocities The velocity amplitude K of a star of mass M,
due to a companion with mass M,, sini with orbital period P and eccentricity e

is (e.g. Cumming et al. (1999)):

W (%G)”P’( M,sin(i) 1 2.18)

P M, + M,)2 (1— e2)1/2

In a circular orbit the velocity variations are sinusoidal, and for M,, <M, the

amplitude reduces to:

PN (M
K = 28.84 <1year) M, sin(7) (M@) m st (2.19)

where P and a are related by Kepler’s Third Law:

a \3/2 (M, —1/2
P = (1 AU) <M@) year (2.20)

I with a

The semi-amplitude of this radial velocity curve is about K = 12.5 m s~
period of 11.9 yr in the case of Jupiter orbiting the Sun, and about 0.1 m s~! for
the Earth. The sin: dependence means that orbital systems seen face on (: = 0 if
seen by an observer on the ecliptic) result in no measurable radial velocity per-
turbation and that, conversely, radial velocity measurements can determine only
M,, sin¢ rather than M,, , and hence provide only a lower limit to the planet mass
since the orbital inclination is generally unknown. Although the radial velocity
amplitude is independent of the distance to the star, signal-to-noise considera-
tions limit observations to the brighter stars. Equation indicates that radial

velocity measurements favour the detection of systems with massive planets, and

with small ¢ (and hence small P).
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Brightness

Time

Figure 2.5: A light curve, showing the transit method of detecting exoplanets.
This method of detection involves monitoring the brightness of stars to identify
periodic drops caused by planets crossing in front and blocking a fraction of their

light (Image credit: NASA).

Transit depth and probability The transit method aims at detecting the dim-
ming of the stellar light by occultation due to an orbiting planet (see Fig [2.5).
Transit experiments offer a relatively easy way to investigate the planet atmo-
sphere, doing spectroscopy during the planet transit. Massive planets with short
orbits, called Hot Jupiters (see Fig. can be observed from the ground, while
planets down to Earth-mass or below can be detected from space. The probabil-
ity of viewing a planet to transit over the stellar disk at the right angle, depends
on the ratio between the stellar radius, R,, and the planetary semi-major axis a.

The transit amplitude depends primarily on the relative radii of the planets and
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stellar disk.

2
ALL ~ <%) (2.21)

If the radius of the star can be estimated from spectral classification, then R,
can be estimated from equation With knowledge of P and an estimate
of M, (also from spectral classification or via evolutionary models), the semi
major axis of the orbit, a, can be derived from Kepler’s law. Usually transiting
planet orbit have very low eccentricities. With the approximation of circular
orbit, other observational parameters are given, to first order, by simple geometry

(Deeg (1998)). Thus the duration of the transit is:

P [ R.cosd + R, MNP 1\ (R,
=—|— | ~1 — h 2.22
! m ( a > i <M®) LAU Ro ours (222

where ¢ is the latitude of the transit on the stellar disk. With the other parameters

estimated as above, ¢ can be derived from equation and hence the orbital
inclination from cos(i) = (R,sind)/a. The minimum inclination where transits
can occur is given by i,,;, = cos '(R./a), with the probability of observing
transits for a randomly oriented system of p = R,/a = c0Si,,y,. Evaluation of
and p for realistic cases demonstrates that ¢ must be very close to 90° , while p
is very small, implying that only a small fraction of planets can ever be detected
or monitored using this technique.

Unfortunately these techniques are focused on the inner (< 5AU) region of a
planetary system: they are in fact biased towards planets in relatively close orbits
and so the orbital separations larger than ~ 5AU are currently not well sampled.
Direct imaging surveys, which are typically more sensitive to planets at larger
orbital separations, can fill this gap. However a direct detection of exoplanets is
technically challenging due to the small angular separation of a very faint source

(the planet) from a much brighter one (the host star) and it requires extraordinary
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efforts in order to overcome the barriers imposed by astrophysics (planet-star

contrast), physics (diffraction), and engineering (scattering).

Planetesimal interactions Coming back to the structure of the planetary sys-
tems, after the depletion of the disk, we found several populations of small bodies
with very different orbital structures and complex dynamics. In our Solar System,
we have the asteroid belt, the Kuiper belt and the Trojans asteroids of Jupiter and
Neptune; As reported in Davies et al. (2014), these populations show “excited” ec-
centricities and inclinations, contrary to that the planetesimal disks should have
quasi-circular, coplanar orbits as expected from a formation in a proto-planetary
disk. This kind of anomalies are a dynamical footprint suggesting a potential
strong perturbation, such as close encounters with a passing-by massive object
or resonant interactions with planets, some of which are possibly no longer be-
longing to the system. The interaction between planets and planetesimals can be
neglected as long as there is a lot of gas in the system, but it becomes predomi-
nant once the gas-disk is substantially depleted (Capobianco et al. 2011). A single
planet embedded in a pure planetesimal disk typically migrates inwards, improv-
ing the scattering of planetesimals in the outwards direction (Kirsh et al. 2009).
However, two (or more) planets on nearby orbits typically migrate in divergent
directions, the outer planet(s) moving outwards and the inner one inwards, be-
cause the outer planet acts as a conveyor belt, transferring planetesimals from the
outer disk to the inner planet (Fernandez and Ip, 198a). If the planetesimal disk is
far enough that the planets cannot scatter them, the secular planet-planetesimal
interactions can still modify the resonant orbits of the planets and enhance their
eccentricities until a global instability follows (Levison et al. 2011). In this frame
the planetesimals still play a fundamental role: by exerting dynamical friction on

the planets, they eventually damp the planetary eccentricities and inclinations,
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Figure 2.6: Warm and Hot Jupiters for which the companions have semi-major

axes less than 1 AU. Orbital resonances are labeled and sizes scale approximately

with log planet mass. Hot Jupiter WASP-47b (Becker et al. 2015) may be in the

short period tail of a class of system featuring a close-in giant planet in orbital

resonance with one or more neighbors. This architecture often also includes an

ultra-short period super-Earth (Dawson & Johnson, 2018).
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Orbital path

Hot Jupiter
-
£
Wide orbit

Accretion Instability

Figure 2.7: Brucalassi et al. show that the “hot Jupiters” may form from inter-
actions with other celestial bodies. In (a), two or more planets form within a
protoplanetary disk around a young star. In (b), the disk material accretes onto
the star, but also onto the planets, whose masses become similar to that of Jupiter.
In (c), at some point, a dynamical instability occurs, either as an inherent, unsta-
ble planetary configuration or as a result of a massive passing by star. In (d), one
of the planets moves to a highly eccentric orbit, whereas the others either adopt
wide orbits or are ejected. Finally in (e), when the eccentrically orbiting planet
passes close to the star, tidal forces cause its orbit to shrink and become more cir-
cular. The final result is a large gaseous planet with a short orbital period (from

Triaud, 2016).

allowing the planets to recover a stable configuration with moderately excited
orbits (Tsiganis et al. 2005; Morbidelli et al. 2007; Nesvorny & Morbidelli, 2012).
In this process the planetesimals are violently dispersed and only those landing
in stable niches of the orbital space survive. Thus, reproducing the current orbital
structure of the surviving planetesimal populations is a crucial diagnostic of an

instability model, possibly more than the final orbits of the planets themselves.
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Chapter 3

Dynamical evolution of planetary

systems

Very likely, many of detected exoplanetary systems did not form in their present
planetary configuration, but, rather, their dynamical evolution forged their cur-
rent architecture. Processes like planet migration, resonant trapping, planet-
planet scattering and interactions with a stellar environment have thus shaped
the structure of the planetary systems since the formation of the planets. Em-
pirically, the detection of many short-period giant planets( the “hot Jupiters”),
such as 51 Peg b (Mayor & Queloz, 1995) or V830 Tauri b (Donati et al, 2016)

shows how the dynamical evolution may indeed affect the orbital configuration
of a giant planet (see Fig. [2.7).

When the planetary systems are still in the protoplanetary phase, low-mass
planets (Earth-mass protoplanets) totally embedded in gaseous disks, would un-
dergo rapid inward migration (type I migration), reaching the central star within
~ 10° yr. Moreover we know that giant planets form gaps in their disks, and

migrate inward on their viscous evolution times (typically 10° yr) (Lin & Pa-

21
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paloizou, 1986). Planetary migrations in a low-mass disk (~ 1/100 the mass of

the central star) can be divided into two types:
+ Type I: migration of low-mass embedded planets
+ Type II: migration and gap formation by massive planets

Further evidences for planetary migration are from observations of giant planets
in mean motion resonance, such as the two giant planets orbiting the M-type
star GJ 876 (Marcy et al. 2001), or the two Saturn mass planets in the Kepler-9
system (Holman et al. 2010). Recent discoveries of resonant or near-resonant
multiple systems of transiting planets by the Kepler mission, such as the Kepler-
11 system (Lissauer et al. 2011), point to an origin in a highly flattened and

dissipative environment.

3.1 Low-mass embedded planets

We define low-mass embedded planets the proto-planets or the planetary seeds
that induce only small perturbations in the disk such that the angular momentum
exchange between disk and planet can be determined from a linear analysis of
the perturbed flow. The unperturbed disk is assumed to be axisymmetric and in a
state of Keplerian rotation with angular velocity (r) = \/W around the
star, and the planet, with angular velocity €2, = €)(r,), is on a circular orbit with
radius r,,. As reported in Kley & Nelson (2012), neglecting in first approximation

the pressure of the gaseous disk, resonances occur when:

m(Q(r) —Q,) =0 (3.1)

m(Q(r) = Q) = +x(r) (32)
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where:

« k(r) is the epicyclic frequency in the disk, that is the oscillation frequency

for a particle in the disk subject to a small radial displacement.

« m is the azimuthal mode number of each coefficient of the gravitational

potential expressed in Fourier series.

The first case refers to the corotation resonance where the local disk and planet
orbital speeds are equal, {)(r) = €2,. The second resonance condition applies
to Lindblad resonances where the plus sign, () = Q, + x(r)/m, refers to
inner Lindblad resonances (interior to r,), where the disk rotates faster than the
planet. The minus sign refers to the outer Lindblad resonances, 2 = m(Q(r) =
), — k(r)/m (exterior to r, and the corotation region). The radial locations of

the Lindblad resonances, ry, are obtained by the condition of a Keplerian disks,

m 3
rp = ——— Tpi (3.3)

k = €2, which leads to

m=t1

Where pressure in a disk can not be neglected, the modified Lindblad resonance
condition is:

m(Q(r) = Q) = /#2(r)(1 + &) (3.4)
where £2 = mc,/€(r) and c; is the isothermal sound speed in the disk. To the
limit m — oo, and ¢, = HS)(r) where H is the local disk scale height, the

Lindblad resonance positions are:

2H

TL:Tp—f—?, (35)

showing that the Lindblad resonances, for m > 1, accumulate at a distance
equal to 2H /3 from the planet. This mechanism prevents the divergence of the
planetary torque experienced by the planet from the disk, giving rise to the phe-

nomenon known as the torque cut-off (Goldreich & Tremaine, 1980).
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3.1.1 Type I planetary migration

Considering low-mass planets, the combined effect of Lindblad and corotation
torques can be calculated using the previous linear analysis. Due to the com-
plexity of considering heat generation and transport in disks, these linear studies
consider an isothermal disk model, where the disk has a fixed radial temperature
structure, 7'(7). The temperature varies radially but it is constant in the vertical
direction. Linear calculations have been performed for 2D (flat disks) and full 3D
configurations. Comprehensive 3D linear calculations have been presented by
Tanaka, Takeuchi & Ward (2002), and for a vertically isothermal disk, they yield
the following expressions for the Lindblad and corotation torques acting on the
planet:

Il = —(2.34 —0.18)Tg (3.6)

lin

3
cm;n = 064(5 — Bs)To (3.7)

where the surface density profile varies with radius on the disk plane as (1) o

77> and the torque normalization I'y is given by:

m,\? [ H\ >
402

which it depends on planet location (as indicated by the index p). The total

torque, '}, is given as the sum of the Lindblad and corotation torques (Ward,
1986):

Tion =Tl + T, (3.9)

lin lin lin
The magnitude of the type I torque scales as the inverse square of the disk as-

pect ratio (H/r,), quadratically with the planetary mass m,, and linearly with

the surface density of the disk. In recent years, the linear studies are replaced
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by many numerical studies in 2D and 3D. The disk is modeled as a viscous gas
and the full nonlinear Navier-Stokes equations are solved, typically using grid-
based hydrodynamic codes. Moreover, numerical improvements have led to in-
creased computational efficiency and accuracy that allow longer and higher res-
olution simulations to be performed. Worthy of mention are the FARGO method
(Masset, 2000), which overcomes restrictions on the time-step due to the differ-
entially rotating disk, and a conservative treatment of the Coriolis force (Kley,
1998). To increase spatial resolution around the planet, nested-grid structures
have been employed successfully in 2D (D’Angelo, Henning & Kley, 2002) and
3D (D’Angelo, Kley & Henning, 2003). The 3D simulations gave a good agree-
ment with the 3D linear results, considering the influence of radial temperature
gradients in the disk, such that T'(r) = T, 7—?7. Moreover, D’Angelo & Ludow
(2010) calculations yield the following form for the total (Lindblad and corota-

tion) torque acting on planets with masses below about 10 Mg;:
Fiot = —(1.36 + 0.620x + 0.4357) (3.10)

where [y, is the exponent of the surface density radial profile 3(r), and (7 is
the exponent of the temperature radial profile 7'(r). The torques, acting on the

planet, change its angular momentum J, according to:

dJ,
d_tp — Ftot (311)

For circular orbits, the angular momentum J, depends only on the planet’s dis-

tance a, (semi-major axis) from the star:
Jp = my/GM,a, (3.12)

Introducing the planetary migration rate a,, the migration timescale is:

@ _1Jp

Tmig = = = 3.13
g Qp 2Ftot ( )



Chapter 3. Dynamical evolution of planetary systems 26

As reported by Kley & Nelson (2012), for an Earth-mass planet around a solar-
mass star, at 1 AU, embedded in the Minimum Mass Solar Nebula (¥ = 1700 g cm =3,
H/r = 0.05), they found 7,,;, &~ 10°yr. However, in the well known theoretical
investigation of Pollack et al. (1996) for the planetary formation, planetary cores
of a few Earth-masses, initially located at 5 AU, migrate in a timescale shorter
than the gas accretion time onto the core, which is typically few Myr. These
considerations point up a serious bottleneck in the timescales of the planetary
formation and migration, stimulating potential suggestions to solve this exces-

sively rapid type I migration:

« Strong corotation torques operating in regions where there are steep pos-

itive surface density gradients ("planet-traps") (Masset et al. 2006)

+ Reductions in the differential Lindblad torque in regions of sharp opacity

transition (Menou & Goodman, 2004)

« Magnetic resonances in disks with strong toroidal magnetic fields (Terquem,

2003)

« Torque reversals for planets on eccentric orbits (Cresswell & Nelson, 2006)

+ Torque reductions from disk shadowing and illumination variations in the

presence of a planet (Jang-Condell & Sasselov, 2005)

« Stochastic migration induced by disk turbulence (Laughlin, Steinacker &

Adams, 2004)

« Corotation torques in radiative disks (Paardekooper & Mellema, 2006)
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3.2 Massive embedded planets

We define massive planet a bound object to central star, embedded in the disk,
with a mass dynamically able to change significantly the disk’s original structure.
When the planetary mass increases, the strength of the gravitational interaction
and the corresponding angular momentum transfer to the disk become stronger.
Moreover this kind of interaction becomes increasingly non-linear and more ob-
servables of the disk like the density profile are modified. As described in Kley
& Nelson (2012), if the angular momentum can be deposited locally in the disk
and is not carried away by the spiral waves, which may occur through viscous
dissipation or shock waves, the material inside (outside) the planet loses (gains)
angular momentum and recedes from the planet. Consequently, the material ap-
pears to be pushed away from the location of the planet and a gap begins to open
in the disk. The depth and width of the gap that the growing planet carves out
will depend on the disk physics (viscosity and pressure), and on the mass of the
planet. The planet’s transfer of angular momentum to the disk can be obtained
by summing over the Lindblad resonances (Goldreich & Tremaine, 1980) or by
using the impulse approximation, where one considers the momentum change
between a planet and individual disk particles shearing past (Lin & Papaloizou,
1979), however both approaches yield similar results. Lin & Papaloizou (1986)
give the following expression for the rate of angular momentum transfer from
the planet to the disk:

: 3
Jriqg o qup af, Qf, (%) (3.14)

where quantities with index p are evaluated at the planet’s position, ¢ is the mass
ratio m,/M, and A = |a, — r| is the impact parameter between the fluid parti-

cle’s unperturbed trajectory and the planet. The viscosity damps the rate of an-
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gular momentum transfer and tries to close the gap; therefore the corresponding

viscous torque is (Lynden-Bell & Pringle, 1974):
jmc = SWEPVCL?)QP (3.15)

where v is the vertically integrated kinematic viscosity. Gap formation implies

that the effect of gravity (the tidal torque) overwhelms that of viscosity:
jtid Z jvisc (316)

The gap should have a minimum width at least equal to the size of the planet’s
Hill sphere (i.e. A ~ Ry), this being Ry = (¢/3)(*/* a,. The viscous criterion
for a gap formation is then given by (Lin & Papaloizou, 1993):

40v
a]%Qp

q= (3.17)

For the disk response to be non-linear near the planet, so that the spiral waves
form shocks and deposit their angular momentum flux locally in the disk, we
require that the planet’s Hill sphere size exceeds the disk thickness, leading to
the thermal gap opening criterion, Ry > H (Ward, 1997). When the planet’s Hill
sphere size exceeds the disk thickness, Ry > H, spiral waves form shocks and
deposit their angular momentum flux locally in the disk creating the thermal gap
(Ward, 1997). Crida, Morbidelli & Masset (2006) investigated the combined action

of viscosity and pressure suggesting the following criterion for the formation of

a gap:
sH Sy, (3.18)
4Ry = qa2Qy, — '

As reported in Kley & Nelson (2012), for solar nebula-type conditions, a Sat-

urn mass planet begins to open visible gaps in the disk, but it should be kept
in mind that gap formation is a continuous process. The process of gap forma-
tion has been analyzed analytically and numerically by a number of researchers

(Takeuchi, Miyama & Lin, 1996; Bryden et al. 1999; Kley, 1999).
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3.2.1 Type II planetary migration

When a massive planet is formed, it opens a gap in disk, so the Lindblad torques
are reduced, resulting in a slowing down of the planet migration. In this case,
the planet is coupled to the viscous evolution of the disk (Lin & Papaloizou, 1986)
and the migration timescale is given by the viscous diffusion time of the disk,
Tvise X 7“2 /v. This non-linear regime of disk-planet interaction in which gap
opening planets are locked to the viscous evolution is known as type Il migration
(Ward, 1997). Using the previous descriptions for the tidal and viscous torque Lin
& Papaloizou (1986) modeled the migration of a gap opening massive planet si-
multaneously with the viscous disk evolution utilizing the time dependent diffu-
sion equation for the disk surface density, (r, t), (Pringle, 1981). Later, fully 2D
hydrodynamical simulations of moving and accreting planets were performed by
Nelson et al. (2000), who showed that a Jupiter-mass planet starting from ~ 5 AU
migrates, on a timescale ~ 10° yrs, inwards to the planetary system. In this plan-
etary migration, the planet accreates its mass until to 4 — 5 M, and its inertia
starts to be important: it resists the viscous driving, following a further reduction
in the speed of migration (Syer & Clarke, 1995; Ivanov, Papaloizou & Polnareyv,
1999). These studies on Type II planetary migration might indicate a possible
scenario to justify the observed population of hot Jupiters (Lin, Bodenheimer &
Richardson, 1996; Armitage et al. 2002); however, the presence of additional mas-
sive planets in these systems can lead to quite different dynamical evolution con-
sidering gravitational interactions and scattering processes between the planets.
Finally, a potential contribution to a Type II planetary migrations is suspected
from exogenous gravitational perturbations when the planetary system forms
and evolves in a young stellar cluster. These gravitational perturbations affect

the planetary migration reducing the timescale and, depending on the mass and



Chapter 3. Dynamical evolution of planetary systems 30

the orbital parameters of the stellar perturber, change significantly the orbital

architecture of the planetary system.

3.3 Dynamical evolution of planetary systems in

stellar clusters

In this section we introduce the dynamical interaction between the members of
young stellar clusters with the consequent effects on the dynamical evolution of
a young and forming planetary systems. Most stars form within some type of
cluster or association. About 10% of the stellar population is born within clus-
ters that are sufficiently robust to become open clusters, which live for 100 Myr
to 1 Gyr. The remaining 90% of the stellar population is born within shorter-
lived cluster systems called embedded clusters. Embedded clusters become un-
bound and fall apart when residual gas is ejected through the effects of stellar
winds and/or supernovae. This dispersal occurs on a timescale of ~ 10 Myr.
As reported in Davies et al. (2014), considering the cluster distribution function
f., ~ 1/N? over a range from N = 1 (single stars) to N= 10°, the probability that
a star is born within a cluster of size N scales as P = N f; ~ 1/N, so that the
cumulative probability scales as log/N. Hence, stars are equally likely to be born
within clusters in each decade of stellar membership size N. Clusters have typical
radii of order R = 1pc, and the cluster radius scales as R = 1pc(NN/300)/2, so
that the clusters have (approximately) constant column density (Lada and Lada
2003; Adams et al., 2006). A typical mean density is ~ 100 stars/pc® and a typical
velocity dispersion is ~ 1km/s. Dynamical interactions within clusters are the
close encounters. A close encounters becomes important when the orbit of the

first passing by star is significantly affected by the gravitational interaction of the
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second star. As reported in Davies et al. (2014), for a typical velocity dispersion

of 1 km/s, and for solar-type stars, this critical distance is about 1000 AU.

Timescale of a stellar flyby The timescale of a close encounter with another

star within a distance r,,,;,, can be approximated by (Binney and Tremaine 1987):

100 pe3 Voo 103AU Mg
ene ™ 3.3 x 107 3.19
a0 (SO0 ) () (S0F) () e

Here n is the stellar number density in the cluster, v, is the mean relative speed

at infinity of the stars in the cluster, r,,,;,, is the encounter distance, and M is the
total mass of the stars involved in the encounter. Planetary systems are affected
by passing stars and binaries in a variety of ways (e.g., Laughlin and Adams
1998; Adams and Laughlin 2001; Bonnell et al. 2001; Davies and Sigurdsson 2001;
Adams et al. 2006; Malmberg et al. 2007b; Malmberg and Davies 2009; Spurzem

et al. 2009; Malmberg et al. 2011; Hao et al. 2013).

Number of stellar flybys Another way to estimate the characteristic time 7,,,.
on which an encounter occurs is considering the mean-free-path of a star inside
the cluster (Jiménez-Torres et al., 2013). The mean-free-path is A = 2, where n
is the stellar density per number and o the cross section o = 7(2R)? with R the
radius of the circumstellar structure. Dividing A by the velocity dispersion v of
the cluster, we obtain the characteristic time 7.,,.. Dividing 7, by the age of the

stellar cluster 7, the number of encounters is given by:
Nepe = 4w nvT, R? (3.20)

Jiménez-Torres et al. (2013) calculated the effect of stellar encounters in differ-
ent Galactic environments on a 100 AU planetary disk. They present in Figure

a log-log plot of density versus velocity dispersion and they show with level
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curves the number of encounters for a given combination of these two parame-
ters in different Galactic environments. The Galactic environments are marked
with elliptical regions approximately where they correspond according to their
physical characteristics. Straight lines represent the number of encounters
given a density and velocity dispersion for a total integration time T. of 5 Gyr.
The green shadow covers the Galactic regions that sustained in their history less
than one stellar encounter. They consider these regions potentially habitable

from the stellar encounter dynamics point of view.

Planetary ejection An individual sufficiently close encounter can eject plan-
ets. The cross section for a planet ejection can be written in the form (from

Adams et al. 2006):

N, ~ 1350 (AUY? ( _1/2< % ) (3.21)
i 1M, 1AU

where M, is the mass of the planet hosting star and a, is the initial semi-major
axis of the planet.

However another class of encounters leads to indirect ejection as well: the
flyby event perturbs the orbits of planets in a multiple planet system, and plan-
etary interactions later lead to the ejection of a planet (see Fig. . Typical
instability timescales are in the range 1 — 100 Myr. Similarly, the ejection of the
Earth from our Solar System is more likely to occur indirectly through previous
perturbations of Jupiter’s orbit, rather than via direct ejection from a passing star
(Laughlin & Adams, 2000). Planetary systems residing in wide stellar binaries in
the field of the Galaxy are also vulnerable to external perturbations. Passing stars
and the Galactic tidal field can change the stellar orbits of wide binaries, making
them eccentric, leading to strong interactions with planetary systems (Kaib et al.

2013).
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Figure 3.1: Log-log diagram of density as a function of the velocity dispersion

in different Galactic environments (black-dash line). Straight black lines rep-
resent the number of encounters given a density and velocity dispersion for a
total integration time T, for all environments of 5 Gyr. The green shadow covers
the galactic regions where less than one stellar encounter occurred in its history

(from Jiménez-Torres et al., 2013).
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Figure 3.2: The dynamical evolution of a young planetary system around a cen-
tral star 1 M, with a single planet 2 M ;,,, (green dot), fully embedded in a gaseous
disk 0.01 My, in presence of a stellar perturber 1 Mg, (red dot). The Jovian planet
(green dash line), after the stellar flyby (red dash line), is completely ejected from
the planetary system. We used, for this numerical simulation, the GaSPH hy-

drodynamical code.
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However, planets are often ejected as the cumulative result of several weak scat-
tering events. During fly-by encounters, stellar perturbers can also capture plan-
ets from the planetary system (Malmberg et al. 2011). In this way, stellar clus-
ters not only provide to shape the forming planetary systems but, if the stellar
perturber possesses its own planetary system, an extra planet may enrich and

destabilize the system.
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Chapter 4

Simulations of the dynamics of

circumstellar structures

4.1 Numerical simulations: generalities

Many young stellar systems contains stars surrounded by circumstellar gaseous
disks during their early evolution. Several evidences of their existence were ob-
tained in the late 1980s and, increasing the accuracy of the observations, inter-
esting structures were identified in the disk images, such as spiral arms (Grady
et al. 2001; Hashimoto et al. 2011; Christiaens et al. 2014; Takakuwa et al. 2014)
and ring-shaped gaps (Weinberger et al. 1999). The formation of spiral arms and
gaps might be a consequence of the dynamical interactions of young systems
with external perturbers in a stellar environment. It is well known that many
structures are affected by gravitational perturbations of passing-by massive ob-
jects such as galaxy-galaxy encounters or perturbations of protoplanetary disks,
debris disks and planetary systems by passing stars (Farouki & Shapiro 1981;
Clarke & Pringle 1993; Heller 1995; Hall 1997; Kobayashi & Ida 2001; Melita et

37
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Figure 4.1: Dynamical evolution of a circumstellar disk by Clarke & Pringle,
1993. The units of length in the plot (a) and (b) are in terms of the periastron
separation r,.,. The stellar perturber is on a coplanar prograde orbit. The disk
initially has outer radius 0.8 r,,., and uniform surface density. In (a) the perturber
is at periastron r,., and in (b) it is out of the frame. The disk, after the stellar
flyby, is strongly perturbed and some particles are captured by the perturber
(from Clarke & Pringle, 1993).
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Figure 4.2: Dynamical evolution of a circumgalactic disk by Toomre & Toomre,
1993, during a coplanar retrograde encounter of a companion of equal mass. The
two small black filled circles are test particles located at 0.6 r,,,. The filled squares

at time = 5, are additional test particles at 0.7 r,,, (from Toomre & Toomre, 1993).

al. 2002; Levison et al. 2004; Pfalzner et al. 2005; Olczak et al.2006; Scharwachter
et al. 2007; Malmberg et al. 2011; Craig & Krumholz 2013; Punzo et al. 2014). In
some works (Toomre & Toomre (1972), Hall et al. (1996), Kobayashi & Ida (2001),
Pfalzner et al. (2005)) the perturbed disk is investigated neglecting the self in-
teraction of the disk material such as self-gravity or viscosity, approximating all
these cases as a subset of the “restricted” three-body problem. Toomre & Toomre
(1972) performed simulations of galaxy perturbations with non-interacting low-

mass disk particles (see Fig. [4.2). Since they modelled the gravitational potential
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of the galaxies as point masses, their results are comparable to the simulations
of low-mass disks around stars. Clarke & Pringle (1993) and Hall et al. (1996)
investigated the perturbation of protoplanetary disks in equal-mass encounters
and presented the probability for a disk particle to have a certain fate (remaining
bound, being captured by the perturber, left unbound) depending on its initial
distance from the parent star. In particular Clarke & Pringle (1993) (see Fig.
investigate the effect on an accretion disk around one target star after a parabolic
stellar fly-by. In the coplanar prograde encounter, the disk is tidally stripped
down, when the perturber is on its orbital periastron, and a substantial fraction
of the stripped material is captured by the perturber. In the coplanar retrograde
configuration of the orbit of the stellar perturber, the disk is essentially unper-
turbed. They consider the evolution of a disk, made of 2500 particles. In order
to avoid excessive viscous evolution of the disk close to periastron of the or-
bit of the stellar perturber, they neglect the viscosity until the stellar perturber
approaches enough its orbital periastron. A more detailed study of such stellar
fly-by requires the use of hydrodynamic codes. For example, three-dimensional
(3D) hydrodynamical simulations of circumstellar structures were performed by
Bate & Bonnell (1997); Larwood & Papaloizou (1997) using the Smoothed Particle
Hydrodynamics (SPH) method. Their numerical simulations show evidences of
spiral waves in a circumstellar gas disk when it interacts with a planet (Nelson
2000; Kley & Nelson 2008; Paardekooper et al. 2008; Marzari et al. 2009; Picogna
& Marzari 2013). If the planet’s orbit is inclined respect to the disk plane, then
a vertical warp is formed in its central parts (Grinin et al. 2010; Demidova &
Sotnikova 2013; Xiang-Gruess & Papaloizou 2013). The investigation of the dy-
namical evolution of a planetary and protoplanetary system is a hard work and

the modelization of each astrophysical structure represents a careful compromise
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between the physical details and the computational effort needed to simulate it.

4.2 Numerical simulations via Smoothed Particles

Hydrodynamics

In this section, we discuss the basic theoretical formulation of the Smoothed Par-
ticle Hydrodynamics (hereafter SPH) formalism. It represents an introduction to
the GaSPH code (Pinto et al. 2019) used to investigate the evolution of a self-
gravitating systems in Chapter 5. Introduced for the first time contemporary by
Lucy (1977) and Gingold & Monaghan (1977), the SPH scheme has been widely
adopted to investigate a huge set of astronomical problems involving fluid sys-
tems. SPH is a Lagrangian method which is based on representing the fluid as
a system of smooth ‘pseudo-particles’. For each particle, a set of fundamental
quantities (such as density, p, pressure, P, internal energy density u, velocity v)
are calculated by means of an interpolation with a proper kernel function over a
suitable neighbour. Actually, the interpolations are performed with a continuous
kernel function W (r; h), whose spread scale is defined by a characteristic length,
h, called “smoothing length”. Monaghan & Lattanzio (1985) used, as kernel func-

tion, a cubic spline, which has the form:
3 /r\2 3 /7r\3
-5 G) +1G) oS
5 5 —1-4 A 0<r<h

1 3
=5 Z(2—5>, h<r<2h (4.1)

0, r > 2h
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The SPH interpolation involves only a limited set of N neighbours particles that
are enclosed within the range of distances » < 2, thus the relative compu-
tational effort scales linearly with the total particle number N. However, when
long-range interactions, such as gravity, are considered, the computational effort
grows up because each particle interacts with the whole system. A classical direct
N-Body code would, hence, require a computational weight scaling as N2. To fix
this problem, Barnes & Hut 1986 introduced a suitable gravitational “tree-based”
scheme to evaluate efficiently the Newtonian force by approximating the poten-
tial with a harmonic expansion. For each particle, only the contribution given by
alocal neighbourhood is calculated through a direct particle-particle summation,
while the contribution from farther particles is, indeed, suitably approximated.

The following expressions represent the approximated potential ®() and the

force (per unit mass) (@) = —V®(7) given by a far cluster of particles:
GM  1GiOF
() = ——— — = 4.2
= 20 42
. GM. GO-7. 5G#0r.
a(r) = ——51 g T (4.3)

where M is the total mass of this ensemble, = |r] is the distance of the particle
under study to the center of mass of the cluster. The symbol Cj represents the so-
called quadrupole tensor, which is associated with the specific cluster. In indexed

form, it is given by

N¢
k=1
where .T,gk) and xg.k), with ¢, 5 = 1,2, 3, refer to the Cartesian coordinates of the

k' particle of mass my. For a generic i’ particle, the acceleration d; is com-
puted by adding both the SPH terms and the Newtonian terms in the same iter-

ation. Particles can be considered as point sources of the Newtonian field as far
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as their mutual distance is larger than 2h. Otherwise, their Newtonian interac-
tion is, in consistency with the assumed kernel function (Gingold & Monaghan,
1977), such that it vanishes at inter-particle distance approaching to zero. Using
the cubic spline kernel, a different form of the Newtonian interaction between
two particles can be obtained, such that the classical term is softened if the par-
ticles approach within a distance of the order of a softening length defined as
€ = 2h. Springel & Hernquist (2002)used the Hamiltonian formalism for the hy-
drodynamical interactions, further developed by Price & Monaghan (2007) for

the gravitational field. The SPH equations assume, thus, the following form:

P Z 3 (gsott (Tij, Pi) + Gsott (rij o)) Ejﬂ—

J

G (G -
_ ZmJE (éleO'lJ, hl) + é—JViW(m-j, hj)) +

J

P, (4.5)
B Zm] ( V W(T”’ h) + QQ Vi W(sza h])) +
ViW(Tz‘ i) hz) + ViW(ri i h ) dv; [stars)]
_ijij{ 3 e
dUZ 1 .
Zm] < "‘ 2Hz]> Vij V@W(hz>7 (4.6)

where the index i refers to a generic i'* particle and the index j in the sums
refers to the j* particle that is enclosed within the range 2h = 2 - max(h;, h;).
The term g represents the softened gravitational force per unit mass: it is a
function only of the mutual particle distance r;; and of the smoothing length h.
The operator V; represents the gradient with respect to the coordinates of the **
particle. The gradient is performed over two different expressions of the Kernel
W (r; h), with two different lengths h; and h;. The terms (;, and €; are suitable
functions which account for the variation of the smoothed Newtonian potential

with respect to the softening length. They assume, for a generic particle of index
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i, the following form:

hs ,
L
hi a gbsoft('rijﬁ hz)
L U Psoft g i) 4.8
G=—g3, 2. Mg (48)

J

where the sum extends over the particles enclosed within the range 2h;. The
function ¢, represents the softenend gravitational potential, such that V., =
—Gsoft T75/Tij- The potential reaches a constant value as r;; — 0 and becomes
equal to the Newtonian potential for r;; > 2h (Price & Monaghan, 2007). If the
gas interacts with stars, in the equation the last term du; [/ /dt represents
the acceleration accounting for the Newtonian interaction between particle ¢ and

the stars.

Artificial viscosity

In high compression regions, such as shock wave fronts, the velocity gradient
may be so strong that two layers may permeate and the hydrodynamical equa-
tions may not be integrated correctly, generating non-physical effects. Mon-
aghan (1989) added an artificial pressure term, which derives from the introduc-
tion of a suitable “artificial” viscosity, aimed to damp the velocity gradient when

two particles approach. Consequently, it derives a viscous-pressure term II;; as:

—acp; + B

, it vy <0,

I, = Pij (4.9)
0 , if v >0,
hvi; - 135

where [1;; = The dot product v;; - 77; involves the relative velocity

2 4+ n2h?’
and the distance of a pair of particles 7 and j. Only the pair of particles which
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approach, for which v;; - rj; < 0, give a contribution to the artificial viscosity.
The parameter 7 is a suitable term to prevent singularities when two particles
get very close. The terms h, p and ¢ represent respectively the average values of
the smoothing length 3 (h; + h;), the density 1 (p; + p;) and the speed of sound
2((cs)i + (¢s);). v, called bulk viscosity, is responsible to damp the non-physical
velocity oscillations contributing with a diffusive effect, while 5 = 2« is the
Von Neuman-Richtmyer viscosity which contributes to a pressure term. Ar-
tificial viscosity must be damped in regions where shear dominates, and where
the velocity gradient is low. Considering two shearing layers of fluid, the rel-
ative velocity, between the particles, leads to an approach which is interpreted
by the artificial viscosity as a compression. Such wrong interpretation may lead
to a computational overestimation of the strength of the viscous interaction. To
prevent false compressions, Balsara (1995) multiplied the term f;; by a proper
switching coefficient:

_ V-4

V3] + |V x 0]+ 10-4eh

(4.10)

with the divergence of velocity and the velocity curl evaluated, for a particle of

index 7, as:

7

! (4.11)
(V X 17) = pz_l ij 171']‘ X VZ‘W(T, hz)
v J
Further problems may arise far away from high compression regions. In the clas-
sical formulation of II;;, « = 1 = cost. (Monaghan, 1992). In such scheme, the
viscosity uniformly acts in every region but we would expect the artificial term
to be efficient close to the shock fronts. To solve such issue, Morris & Monaghan

(1997) used a formalism considering, for each particle, an individual «; which
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follows the time variation equation:

doy; (i — Qmin)
= %7 Omin) g 412
p p + S, (4.12)

where S; = max(—(ﬁ - 1), 0) (max — Qtmin) Tepresents a source term that in-
creases in the proximity of the shock front; a,;,, represents a minimum threshold
value for «, and oy, represents its maximum. The rate of the viscosity coeffi-
cient is driven by a characteristic timescale 7, = h;/bc, which depends on how
the fluid lets the perturbations propagate through the resolution length. The in-
dividual viscosity coefficients, a; and a;, when referred to a generic ¢ — j particle

pairing, are averaged in the same way as done with the other quantities.
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Young planetary systems in stellar

environments

5.1 Dynamical evolution of a young planetary sys-
tem

GaSPH (Pinto et al. 2019) is an optimized SPH code which deals with self grav-
ity by means of a tree-based scheme. According to the classical Flared-Disk

model, the disk revolves around the central object with a Keplerian frequency

Q ~ \/M;G/R3 where R is the cylindrical coordinate R = /(2% 4 y?) in the
reference frame centered in the central object.
According to the a-disk model (Shakura & Sunyaev 1973), the internal disk tur-

bulence is schematized by means of a pseudo viscosity of the form:
V=aggcs H (5.1)

Such a kinematic viscosity leads to a net transport of matter inward and a con-

temporary outward flux of angular momentum. In the above expression, agsgs

47
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represents a characteristic efficiency coefficient for the momentum transport,
while H = ¢, /€, represents a vertical pressure disk scale height. When the disk
self-gravity is stronger enough some gravitational perturbations arise. Mayer et
al. (2002) and Boss et al. (2003), gave a numerical estimation of the gravitational
timescales in a protoplanetary disk. They have shown that, under certain condi-
tions, matter can undergo instabilities and eventually condense forming clumps
(in ~ 10* yr). It can been shown that a disk keeps its equilibrium state against

collapse according to the Toomre’s criterion:

Ry

Q= S > 1.5, (5.2)

where (), represents the epicyclic frequency, which is approximately equal to
Q) for Keplerian disks. The Toomre’s factor is a parameter which quantifies the

role of gravitational processes over the typical thermal and dynamical actions.

GMAM(R) e

The disk revolves with an azimuthal velocity: v,(R) = B

depends both on the mass of the central star My and on the projected internal
mass of the disk itself, M (R) = fORE(R)Qﬂ'RdR. However the mass M (R)
can be neglected in the case of low disk masses Mp < Mg. The vertical shape
of the disk depends on the vertical pressure scale height H, such that pressure
and density scale with a gaussian profile exp(—z2/2H?). Here a local vertically
isothermal approximation is used, assuming that any radiative input energy from
the star is efficiently dissipated away: the cooling times are far shorter than the
dynamical time-scales. The disk is thus vertically isothermal and the temperature
depends only on the radial distance from the central star. Hence, according to the

flared disk model, the disk termal profile, for which the ratio H(R)/R increases

ron(5)" -

with R, is:
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and which is commonly used by setting ¢ = 1/2 where Ry is a scale length.
Pinto et al. (2019) use a slightly different slope ¢ = 3/7, adopted by D’Alessio et
al. (1999) making the assumption that the thermal processes in the inner layers of
the disk do not affect its dynamical stability. The effects of the Shakura-Sunyaev
viscosity associated to Keplerian disks can be represented by means of the SPH
artificial viscosity. Meglicki et al. (1993) found that the SPH viscosity coefficient
« provides a viscous acceleration containing a similar form with shear compo-
nent plus a bulk viscosity. Considering a cubic spline as kernel function, they

have shown that the pseudo viscosity, v, assumes the following form:

VX «cgh. (5.4)

Where h is the smoothing length and c, the sound speed. Hence, the law which
connects the Shakura-Sunyaev viscosity coefficient to the o parameter used in

SPH is:

h
asg = an (5.5)

Such modification of the SPH formalism provides a more realistic prediction of
the effect given by a kinematic viscosity since it acts both under compression and
under gas expansion. Such a prescription is reliable as far as we have to deal with
strong velocity gradients (i.e. shock waves). However, this is not a limitations
because the protoplanetary disks are usually modeled as quiet systems and are

not expected to undergo such huge compressions to let strong shock waves arise.
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HD100543 HD106906

SAO 206462
RX J1615.3-3255

Figure 5.1: Gallery of protoplanetary and debris disks obtained with SPHERE
(Spectro-Polarimetric High-contrast Exoplanet REsearch) in the SHINE (SpHere
INfrared survey for Exoplanets) survey. These protoplanetary disk images, ob-
tained with a resolution less than 10.8 arc-seconds per pixel, may provide clues

as to the planets forming inside them (from http://astro.vigan.fr/shine).
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HD 142666 HD 143006 HD 163296

Figure 5.2: Protoplanetary disks imaged by DSHARP (Disk Substructures at High
Angular Resolution Project) with ALMA (Atacama Large Millimeter/submillime-
ter Array) (from Andrews S. M. et al., 2018)
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5.2 Young planetary systems in an open stellar

cluster

Most stars form in stellar cluster (Hillenbrand et al. 1998; Palla & Stahler 2000)
even our Sun (Dukes & Krumholz 2012), therefore their planetary architectures
are suspected to be affected by several stellar gravitational interactions (Picogna
& Marzari 2014, Rosotti et al. 2014, Cuello et al. 2018). If the planetary system is
aged in the interval 3 - 12 Myr, it may still show a circumstellar disk (Haisch et al.
2001), and a coexistence between a young forming planet and the gaseous disk
is predicted both by theoretical models (Pollack et al. 1996) and observations as
given by several surveys obtained by instruments like SPHERE (Beuzit J. L., et
al., 2019) and see Fig. [5.1), through a direct imaging in the near-infrared, or in
radio bands by ALMA (Andrews et al. 2018 and see the Fig|5.2).

Several studies have simulated circumstellar disks using different approaches,
starting from a clump of “test particles” to a full hydrodynamical approach. A
pure N-body simulation test particles approach represents only a rough approx-
imation, although computationally useful, of the dynamics of a real circumstellar
disk: no viscosity and no pressure forces are taken in account.

Rosotti et al. (2014) considered the evolution of a circumstellar disks in a stellar
environment combining /NV-body simulations for the stellar cluster and an hydro-
dynamic code to model the gaseous disk. However, these authors do not include
any planet or protoplanet inside the circumstellar disk; moreover each disk is
simulated with a very large stellar accretion radius (from 1 AU to 20 AU) so that
the dynamics in the inner regions of the disk is essentially neglected. Breslau et
al. (2017) used an N-body calculation to study tidal truncation of the circum-

stellar disk. Assuming prograde coplanar parabolic encounters, they find that
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Figure 5.3: Logarithm of the superficial density (column integrated) of the cir-
cumstellar disks during a stellar flyby. The two top plots (a) and (b) show the
disks when the stellar perturber is close to its orbital periastron, while the bot-
tom plot (c) shows the stellar perturber 60 yrs after the close encounter (from

Picogna&Marzari, 2014)
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the final disk size is a function of the periastron and the mass ratio. They also
estimated the portions of unbound, captured, and remaining material around the
primary star after the flyby, finding that the prograde encounters are the most
destructive. By contrast, retrograde encounters were found to leave the disk al-
most intact. However they did not consider any planet or protoplanet in their
simulations.

Picogna&Marzari (2014) proposed a study on the effects of the disk on the dy-
namics of planets after a stellar encounter. They confirm that if the circumstellar
disk is still present during (and after) a stellar flyby, a planetary system returns
to a non excited state on a short timescale (see Fig. [5.3). Using a 3D hydrody-
namical modeling of the circumstellar disk, they explored different inclinations
between the disk, planet orbit and stellar trajectory. Both the perturber and the
central system are equipped by a low density disk.

They set the initial distance of the stellar perturber at 450 AU (roughly 8 times
the Pluto’s aphelion) unfortunately too small in order to simulate a realistic dy-

namics of a stellar flyby.

5.2.1 Initial set-up

The dynamical evolution of the whole system is followed by 3D simulations using
the code GaSPH (Pinto et al. 2019). The environment, where our disk and planet
are embedded in, is that of a young open stellar cluster, which typically contains
up to 103 stars and 1 pc as typical half mass radius.

For the stellar perturber, we chose five different values of the mass: 0.5, 0.8,
1, 3 and 8 M. These values cover sufficiently the range of star masses in an open
cluster. The initial speed, v, of the stellar perturber is assumed 2 km/s, compat-

ible with the typical star speed in a young open clusters. We studied interactions
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of a flyby star moving on tilted orbits respect the plane of the target disk around
the primary star. The inclinations 7 of the orbits of the stellar perturber are as-
sumed: 0°, 45°, 90°, 135° and 180°. The angles 0° and 45° are the inclinations
of the prograde orbits (co-rotating respect to the planet revolution around the
primary) while the angles 135° and 180° are the inclinations of the retrograde
(counter-rotating) orbits. Finally, 2 = 90° represents a flyby motion orthogonal
to the disk containing the planet. For each stellar perturber mass and inclina-
tion, we selected the following periastron distances (r,): 100, 200, 300, 400, 500
AU. Starting from the above given periastron distance, we calculated the impact

parameter, p, of the incoming stellar perturber by the relation:

GM,,
p:rp,/1+2m'f;, (5.6)
pYoo

where M, is the total mass of the system (central star + stellar perturber +

disk + Jovian planet).

For our orbital integrations a relevant role is played by the starting position of
the stellar perturber. In our investigation we choose as starting distance that at
which the tidal perturbation on the disk+star+planet system gives a fractional

amplitude:
Fiia
B F, rel

) =101

where F;;; and F,; are the initial tidal force between the planetary system and
the stellar perturber, and the initial relative force between each component of
the planetary system (Fregeau et al. 2004). The time length of each simulation
is obtained by considering twice the time interval from the initial position of
stellar perturber to the periastron of the orbit of the perturber. We simulated
the gaseous disk using 2 x 10%* SPH particles; this number represents a good

compromise between the computational effort and the realistic simulation of the
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dynamics. Actually, we checked that N ~ 2 x 10* guarantees a good conver-
gence of the relevant outputs of the simulations. The initial mass of the disk is
assumed 0.009 Mg,,,,, which is, basically, the Solar Minimum Mass Nebula 0.01
Mgy, (Hayashi et al. 1981) minus the embedded Jovian planet mass. The initial
inner cut-off of the disk, R;,, is set to 1 AU and the external cut-off, R,,;, of the
disk is set to 70 AU.

The feedback on the disk of the external perturbation can be quantified, for in-
stance, by the time variation of its Lagrangian radii. A this scope, we follow
Bate (2018) considering as “radius” of the SPH disk radius the Lagrangian radius
63.2% of its total mass. We consider a fully formed giant planet with a mass of
IMjup ™ 1055 Mo.

Its initial circular, and coplanar to the disk, orbit was set at a 10 AU radius, well
beyond the typical solar-like snow line (~ 2.7 AU). We consider the possibility of
mass accretion of the planet, whose mass grows whenever an SPH particle falls
inside the planetary sink radius. In order to simulate a realistic accretion we set,
as suggested in Bate & Ayliffe, a planetary sink radius 24 where ry is the initial

Hill radius of the planet:

Mpo )1/3
TH=a ; 5.7
w=a(e 6:7)

where a is the initial distance of the planet with initial mass M,, revolving around

a star with initial mass M,,.

5.2.2 Results

To measure the response of the Jovian planet to the perturbation, we consider
proper averages of the planetary distance from the central star as well as its

orbital eccentricity and mass accretion. At the scope of a quantitative analysis of
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Figure 5.4: Dynamical evolution of the distance (blue-solid line) between the Jo-
vian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line). In this model, the Jovian
planet experiences a pure planet-disk interaction without any external gravita-

tional perturbation.

the feedback of the disk to the external perturbation, we followed Bate (2018) and
consider as “radius” of the SPH disk the Lagrangian radius of 63.2% of its total
mass. The value of each measurement at the end of the simulation is evaluated
making an average over a time interval of 10 times the initial planetary orbital

period which is 31.60 yr.

Disk feedback

The final 7459 of the disk, after different encounters, show several cases of trun-
cation and diffusion. We define a disk truncation when the final r43 5 of the disk

is lower than the final 7435 of the disk in the unperturbed model and a disk dif-
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Figure 5.5: Dynamical evolution of the Lagrangian radius of 63.2% of the total
mass of the gaseous disk (green solid-line) during a stellar flyby of a perturber
of 0.5 Mg (black dash-line) in a prograde (a) and retrograde (b) configuration. In

(c) the model without stellar perturber.
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Figure 5.6: Dynamical evolution of the Lagrangian radius of 63.2% of the total
mass of the gaseous disk (green solid-line) during a stellar flyby of a perturber of
8 My, (black dash-line) in a prograde (a) and retrograde (b) configuration. In (c)

the model without stellar perturber.
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fusion when it overcomes the final rg3 5 of the disk of the unperturbed model.
In the whole set of our experiments, the 80% of the simulated systems show
a final disk truncation after a single close encounter while the remaining 20%
show a final diffused disk. Considering the systems with the stellar perturber
on prograde orbit (0° and 45°), the 80% experiences a final disk truncation. The
same systems, but with the stellar perturber in retrograde configuration (135°
and 180°), show a final disk truncation in the 86% of the cases. The case when
the orbit of the stellar perturber is orthogonal to the planetary system shows
that 64% of systems experiences a disk truncation and the remaining 36% a disk
diffusion. Although the retrograde case represents the orbital configuration with
the smallest interaction time with the planetary system, it shows, in some cases,
a more perturbative performance than the prograde case. That’s, for instance,
the case of the model with a stellar perturber of 0.5 My, with the r,., 100 AU.
As shown in Fig[5.5] the final 43> of the retrograde case is 37.73% lower than
the final rg35 of the unperturbed case and 18.7% lower than the prograde one
(see Fig5.5p). The disk truncation is slightly larger than the periastron of the
orbit of the stellar perturber (100 AU) and it slightly increase following a sort of
adiabatic expansion. In our experiments, the sharpest disk truncation is in the
model with a stellar perturber of 8 M and with the r,,., = 100 AU, in retrograde
configuration. As shown in Fig its final 7439 is 62.5% lower than the final
7632 of the unperturbed case and it is 50.1% lower than the prograde one. Even
with a high mass of the stellar perturber and a close distance to the system at the

periastron, the disk is not totally disrupted but just severely truncated.
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Figure 5.7: Time evolution of the distance between the Jovian planet (P) and the
central star (S) of the planetary system (blue solid-line) during a stellar flyby of a
perturber of 8 Mg, (S,) with rp., = 500 AU in retrograde orbit (black dash-line).

The magenta solid-line represents the unperturbed case.
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Jovian planet feedback

The final mean distance <> of the Jovian planet from the central star and its fi-
nal mean orbital eccentricity <e> represent the two orbital planetary elements
we investigated in our analysis. The 96% of the systems shows a final <r>
smaller than the unperturbed case. The dynamical evolution of the unperturbed
case is shown in the Fig. The 96% of the systems with the stellar perturber
in prograde orbit experiences a final decrease of the <r> respect to the unper-
turbed case; considering the same systems, but in retrograde configuration, the
92% shows a final decrease <7 > respect to the unperturbed model. Finally, the
96% of the systems with the orbit of the perturber orthogonal to the planetary
system, shows a final decrease of <r> respect to the unperturbed model. This
decrease of the <r> indicates a clear planetary migration inward of the Jovian
planet, in particular a type II planetary migration as discussed in Chapter 3.2.
The longest migratory journey in our experiments is in the model with the per-
turber of 8 M, (see figl5.7) for r,., = 500 AU, in retrograde configuration: a
migration from the initial position of 10 AU to 4.72 AU requires 697 initial or-
bital periods. Compared to the case without stellar perturber (magenta solid-line
in Figl5.7) we see that both the cases show an initial pure planet-disk interaction
but, in the model with the stellar perturber, the perturbed system shows more re-
siliency then the unperturbed one. Considering the planetary eccentricity, 100%
of the systems shows a final eccentricity <e> lower than the value in the model
without stellar perturber, regardless if the stellar perturber is in prograde, retro-
grade or orthogonal configuration. However the orbits of the Jovian planet in the
model with massive perturbers, of 3 or 8 Mg, show a final eccentricity slightly

greater than the model with a low-mass perturber (0.5, 0.8 or 1 My).
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Figure 5.8: Dynamical evolution of the planetary mass accretion of the Jovian
planet (red solid-line) during a stellar flyby (black dash-line) of a perturber 8
Mg (S,) with a 1y, 500 AU, in retrograde configuration. The magenta solid-line

represents the unperturbed case.

Planetary mass accretion

The planetary mass accretion of the Jovian planet is expressed in % of its initial
mass. In our experiments, 14% of the perturbed systems show a final mass ac-
cretion more efficient than in the non-perturbed case. The 16% of the systems
with the perturber in prograde configuration, the 18% of the systems with the
perturber in retrograde configuration and the 28% of the systems with the per-
turber in orthogonal configuration show a final mass accretion larger than the
unperturbed case. The increase of the planetary mass accretion is more evident
in the models with massive stellar perturbers, 3 M and 8 Mg, (see Fig. than
in the models with a low-mass stellar perturber 0.5, 0.8 and 1 M, (see Figl5.9). In
the model with the stellar perturber of 8 M, (see fig|5.8), for the r,., 500 AU we
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Figure 5.9: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of
a perturber 0.8 Mg, (S,) with a r,., 100 AU in retrograde configuration (black
dash-line).
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Figure 5.10: Dynamical evolution of the distance (blue-solid line) between the

Jovian planet (P) and the central star (S), the planetary eccentricity (green solid

line) and the planetary mass accretion (red solid-line) during a stellar flyby of a

perturber 8 Mg, (S,) with a rp,, 100 AU in retrograde configuration (black dash-

line).
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find the final maximum mass planetary accretion in our experiments: 28.23% of
the initial mass in M ;,,;,. Before the periastron of the orbit of the stellar perturber
(black dash-line), the planetary mass accretion is purely from a planet-disk in-
teraction. After the passage of the perturbing star at its orbital periastron, both
for the perturbed case (red solid-line) and the unperturbed one (magenta solid-
line), there is a shift of the trend of the evolution of the planetary accretion. In
this model the final planetary mass accretion is 16.61% greater than the final

unperturbed planetary mass accretion (23.54% of the initial mass in M ;).

5.2.3 Discussion

In our simulations we investigated stellar encounters towards a young planetary
system in prograde, retrograde and orthogonal configurations of 5 stellar per-
turbers (0.5 Mg, 0.8 Mg, 1 Mg, 3 Mg, 8 M). Previous works (e.g. Clarke &
Pringle 1993, Dai et al. 2015, Xiang-Gruess 2016, Picogna & Marzari 2014), found
that the final disk shapes are more perturbed by prograde coplanar encounters
and found barely perturbed disks after retrograde encounters. In our experiments
we obtained that the prograde orbits are not necessarily the most perturbative
ones; on the contrary, we observe that relevant perturbations are randomly led
by prograde and retrograde encounters. In all cases we see remarkable pertur-
bations after the stellar flyby, regardless the orbital configuration of the stellar
perturber. Anyway, we don’t see, after the stellar flybys, evidence of spirals or
warps as in Cuello et al. (2018), but, at the most, a diffuse gaseous halo local-
ized at the edge of the disk. However, we note that Cuello et al. (2018), Clarke &
Pringle (1993), Dai et al. (2015) and Xiang-Gruess (2016) simulated a pure gaseous
disks or a gaseous disk with a dusty component: they do not set any planet inside

the disk. Possible explanations are both structural (our system is a more compact
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system due to the presence of a fully formed Jovian planet) and dynamical (we set
the same initial velocity of our stellar perturbers for each model we simulated).
In Cuello et al. (2018) the initial velocity of the stellar perturber is a function of
the periastron r,., inducing a sort of model dependence of the final outputs in
each model simulated.

In future investigations we will set different values of v, for the perturber bas-
ing on proper dynamical considerations of the stellar environment. The Jovian
planet, initially placed at 10 AU, shows a significant dynamical perturbation at
the end of all our simulations, regardless the configuration of the orbit and the
mass of the stellar perturber. It moves inward the system and this planetary mi-
gration, compared to the model without stellar perturber, is clearly enhanced.
We observe a fast migration followed by a slight increase of the final eccentric-
ity. In addition, the final eccentricity is damped more efficiently in the perturbed
disk than in the isolated case. The planetary accretion of a Jovian planet in the
perturbed system, regardless the orbital configuration of the stellar perturber, is
generally lower than the unperturbed case: the perturbed disk slowly accretes
the mass of the Jovian planet, although its faster movement inwards. However
we do not find any clear correlation between the final planetary parameters and
the orbital parameters of the stellar perturber. Regardless the strength of the
perturbation, all the systems we simulated remains bound after the gravitational
interaction. We experienced, in our hydrodynamic simulations, a resilient disk
where the action of the perturbation doesn’t affect directly the planet: the disk
catalyzes the gravitational perturbation converting the almost impulsive action
of the stellar flyby to a softer planet-disk interaction over a timescale longer than
the typical time of the single stellar flyby:.

These results demonstrate so far that the effects of a stellar flybys shouldn’t be
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considered as impulsive and destructive: when the disk is still present the young
planetary system is “protected” by the gaseous disk, remaining bound after the

passage of the perturbing star.
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Future perspectives

Focusing the attention on the habitable zone of a planetary system, we might
explain potential dynamical constraints about its dynamical evolution, not com-
pletely investigated so far. The classical habitable zone (HZ), under careful ap-
proximations, can be easily determined using different models (Miller & Haghigh-
ipour (2014), Kopparapu et al. (2014), Kopparapu et al. (2013), Haghighipour &
Kaltenegger (2013), Selsis et al.(2007) and Kasting et al. (1993)). However, after

its definition, crucial questions arise when considering the HZ evolution:

« What’s the long-time dynamical evolution of the HZ around single, binary

or multiple stellar systems?
« How many planets are expected in the HZ?
« Might a stellar environment affect this delicate strip?

« What’s probability to find at least one terrestrial habitable planet inside

the HZ taking into account the environmental feedback?

Starting from the theoretical HZs around several and different planetary sys-

tems, we may investigate its destiny and the dynamical evolution of their inhab-
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itants (the rocky planets). For each value of the central stellar mass, inside the
HZ, we may simulate synthetic populations of habitable rocky planets following,
for the initial conditions, the prescriptions in Mordasini et al. (2012). In order to
consider the influence of the planetary migrations of the giants, a synthetic pop-
ulation of gaseous giant planets will be set in the neighborhood of the snow-line
in each planetary system. In addition, for each value of the central stellar mass,

we may simulate planetary systems in different ages:
+ Young protoplanetary system (gaseous-dusty disk + N planetary seeds)
— Might the planetary migrations of the giants, in a young planetary
system, affect the planetary architecture of the HZ?
- Does the planet-disk interaction drag materials inward the planetary
system perturbing the dynamics of the HZ?

« Middle-aged planetary system (debris disk + formed N planets)

« Evolved planetary system (fully formed N planets e.g. our Solar System).

For each simulated planetary system, the dynamical evolution of the HZ might be

studied in isolation, binary and triple stellar systems as shown in the preliminary
scheme in Fig.

« How does the accretion disc, from the binary companion, affect the dy-

namics of the planetary HZ?

« How does a circumbinary HZ evolve during the evolution of the binary (or

triple) system?

The main outcome in this future perspective will be to extract a final probability

P to find at least one terrestrial habitable planet inside the HZ:

P(puz, ppt) (6.1)
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where:
 prz is the survival rate of the HZ in the range:

— 0 disrupted HZ
— 1 unperturbed HZ

« ppi is the survival rate of NV initial rocky terrestrial planets inside the final

HZ

In the statistical analysis of the arguments p; 7 and p,; a new probabilistic argu-

ment is considered: the interaction rate with the stellar environment p,,,,:
0 Isolated case
« 1 Dense stellar environments

The probability to find at least one terrestrial habitable planet inside the HZ is
as important as useful to select, a priori, target lists in sky-surveys aimed to
discover habitable planets throughout our Galaxy. Finally, we may integrate our
theoretical analysis to the famous and controversial Drake Equation where our

relation [6.1] represents the fraction of planets that could support life.
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Figure 6.1: Preliminary scheme of the set of numerical simulations. We simulate,

around each star in the list of central stellar masses, a planetary system. Each

planetary system may evolve in isolation as well as in a more complex struc-

ture: binary and/or triple system. In order to simulate both young and evolved

planetary systems, we consider the gaseous/dusty component for young proto-

planetary disc (PPD) and the pure gaseous component of the accretion disc from

evolved companion in binary or triple systems. Finally, for each young PPD we

simulate a surrounding stellar environment, typically an open stellar cluster.
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Conclusions

In this thesis I presented the results of our research aimed to the investigation of
the dynamical evolution of a young planetary system in a stellar environment.

The work is divided into four parts. In the first one we summarize the struc-
tures of protoplanetary and planetary systems. The second part describes the
dynamical evolution of planetary systems in presence of a low-mass disk and
the role of a stellar environment. In the third part we describe the state of the art
of numerical simulations of circumstellar structures, focusing on the advantages
of the SPH hydrodynamical approach. The last part is dedicated to present our
hydrodynamical simulations via the GaSPH code. In this part we study the dy-
namical evolution of a young planetary system affected by a single stellar flyby as
it would happen in a typical open stellar cluster. We consider a system composed
by a central star of 1M, a gaseous disk (0.009 M) containing a completely em-
bedded Jovian planet set on 10 AU circular orbit. We chose 5 stellar perturbators
with masses 0.5 My, 0.8 Mg, 1 Mg, 3 Mg and 8 M. For each perturber, we
changed the distance of the closest approach starting from 100 AU until to 500

AU. We simulated 125 stellar flybys in prograde, retrograde and orthogonal or-
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bital configurations tilting the inclination of each stellar encounter respectively
of 0°, 45°, 90°, 135° and 180°. All the systems remain bound after the stellar
flyby and we do not report any correlations between the final orbital parameters
of the Jovian planet and the orbital parameters of the stellar perturber. However
we observe in such experiments that the behaviour of the disk is that of catalyz-
ing the interaction between the planet and the stellar perturber, regardless the
orbital configuration of the stellar perturber. It tends to damp the eccentricity
reducing the probability of ejection of the planet and, finally, it improves an in-
wards planetary migration of the Jovian planet.

The first part of this thesis project has been done in collaboration with the Racah
Institute of Physics at The Hebrew University of Jerusalem (Israel). In this inter-
national collaboration, I studied the initial conditions of the initial set-up of the
whole set of our hydrodynamical simulations. It was a crucial phase: the inputs
had to be the best compromise between the computational analysis and what
really happens in the Universe. The last part of this project has been done in col-
laboration with the Department of Astrophysics in the Rose Center for Earth and
Space at the American Museum of Natural History (USA). I analyzed the out-puts
of the simulations of the dynamical evolution of the Jovian planet, investigating
the evolution of its planetary distance from the central star, its orbital eccentric-
ity and, finally its mass accretion. Finally, I proposed a potential application of
our theoretical investigation on the dynamical evolution of habitable zones in

young and evolved planetary system.
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Appendix A

Stellar perturber of 1 Mg

Below we list the plots of the model of the stellar perturber of 1 M, and, on the
right side of each figure, the plots of the unperturbed model. We plot, for each

inclination and periastron of the orbit of the stellar perturber of 1 M;:

« The time evolution of the distance between the Jovian planet and the cen-

tral star.
+ The time evolution of the planetary eccentricity.
+ The time evolution of the planetary mass accretion.

The plots of the models of the stellar perturbers of 0.5 My, 0.8 My, 3 M and
8 M, are available on this site: "On Dynamical Evolution of a young planetary

system"
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Figure A.1: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 Mg (S,) with a r,., 100 AU and orbital inclination 0° and 180° (black
dash-line).
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Figure A.2: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of
a perturber 1 Mg, (S,) with a ), 100 AU and orbital inclination 45° and 135°
(black dash-line).
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Figure A.3: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 Mg (S,) with a 1, 100 AU and orbital inclination 90° (black dash-

line).
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Figure A.4: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 Mg, (S,) with a r,., 200 AU and orbital inclination 0° and 180° (black
dash-line).
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Figure A.6: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 Mg, (S,) with a 1, 200 AU and orbital inclination 90° (black dash-

line).
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Figure A.7: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 M, (S,) with a r,,., 300 AU and orbital inclination 0° and 180° (black
dash-line).
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Figure A.8: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of
a perturber 1 Mg, (S,) with a rp, 300 AU and orbital inclination 45° and 135°
(black dash-line).
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Figure A.9: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 Mg, (S,) with a 1, 300 AU and orbital inclination 90° (black dash-

line).
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Figure A.10: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 Mg (S,) with a r,,., 400 AU and orbital inclination 0° and 180° (black
dash-line).
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Figure A.11: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of
a perturber 1 Mg, (S,) with a r,., 400 AU and orbital inclination 45° and 135°
(black dash-line).
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Figure A.12: Dynamical evolution of the distance (blue-solid line) between the

Jovian planet (P) and the central star (S), the planetary eccentricity (green solid

line) and the planetary mass accretion (red solid-line) during a stellar flyby of a

perturber 1 Mg, (S,) with a 1, 400 AU and orbital inclination 90° (black dash-

line).
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Figure A.13: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 Mg, (S,) with a r,,., 500 AU and orbital inclination 0° and 180° (black
dash-line).
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Figure A.14: Dynamical evolution of the distance (blue-solid line) between the

Jovian planet (P) and the central star (S), the planetary eccentricity (green solid

line) and the planetary mass accretion (red solid-line) during a stellar flyby of a

perturber 1 Mg, (S,) with a rp., 500 AU and orbital inclination 135° (black dash-

line).
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Figure A.15: Dynamical evolution of the distance (blue-solid line) between the
Jovian planet (P) and the central star (S), the planetary eccentricity (green solid
line) and the planetary mass accretion (red solid-line) during a stellar flyby of a
perturber 1 Mg, (S,) with a 1, 500 AU and orbital inclination 90° (black dash-

line).



Appendix B

Tables of results

Below we list the tables of results for each stellar perturber 0.5 Mg, 0.8 Mg, 1
Mg, 3 Mg and 8 M. We list, for each inclination and periastron of the orbit of

the stellar perturber:
« The final Lagrangian radii 63.2% of the final total mass of the disk.

« The final mean distance, <r>, final mean eccentricity, <e>, and final mass

accretion of the Jovian planet.
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Table B.1: Final Lagrangian radii 63.2% of the final total mass of the disk for the

model of the stellar perturber 0.5 M.

I'63.2%

Tper 0° 45° 90° 135° 180°

100 AU | 44.57 AU | 43.50 AU | 59.68 AU | 38.10 AU | 36.24 AU

200 AU | 46.66 AU | 54.73 AU | 42.63 AU | 46.50 AU | 61.02 AU

300 AU | 45.95 AU | 54.44 AU | 58.81 AU | 64.97 AU | 60.14 AU

400 AU | 50.07 AU | 48.60 AU | 49.40 AU | 49.54 AU | 48.23 AU

500 AU | 47.38 AU | 49.04 AU | 19.83 AU | 48.63 AU | 46.79 AU
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Table B.2: Final mean distance <r>, final mean eccentricity <e> and final mass

accretion of the Jovian planet for each inclination and periastron of the orbit of

the stellar perturber 0.5 M,

OO

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.06 AU

5.11 AU

6.04 AU

5.90 AU

5.68 AU

<e>

0.05

0.02

0.02

0.11

0.01

M %

22.21%

22.64%

19.30%

20.11%

20.38%

45°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.34 AU

6.53 AU

6.37 AU

5.44 AU

6.00 AU

<e>

0.09

0.25

0.57

0.39

0.19

My

16.12%

20.27%

19.41%

26.57%

21.13%

90°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

8.74 AU

6.70 AU

5.44 AU

5.92 AU

5.50 AU

<e>

0.32

0.47

0.04

0.04

0.09

M %

13.20%

15.51%

19.51%

18.00%

21.65%

135°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.71 AU

5.68 AU

6.82 AU

5.01 AU

5.64 AU

<e>

0.11

0.04

0.12

0.43

0.10

Moy

19.61%

20.41%

17.90%

26.29%

22.17%

180°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

7.93 AU

5.84 AU

6.16 AU

6.50 AU

6.13 AU

<e>

0.20

0.03

0.08

0.07

0.06

M %

12.82%

17.28%

19.33%

16.70%

18.22%
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Table B.3: Final Lagrangian radii 63.2% of the final total mass of the disk for the

model of the stellar perturber 0.8 M.

I'63.2%

Iper

OO

45°

90°

135°

180°

100 AU

42.64 AU

40.89 AU

46.92 AU

32.81 AU

45.75 AU

200 AU

45.15 AU

68.35 AU

56.81 AU

44.99 AU

49.26 AU

300 AU

47.53 AU

73.85 AU

57.63 AU

53.59 AU

46.12 AU

400 AU

48.68 AU

55.72 AU

62.75 AU

54.26 AU

62.48 AU

500 AU

45.64 AU

52.24 AU

55.62 AU

53.17 AU

45.81 AU
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Table B.4: Final mean distance <r>, final mean eccentricity <e> and final mass

accretion of the Jovian planet for each inclination and periastron of the orbit of

the stellar perturber 0.8 M,

OO

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.65 AU

6.41 AU

6.00 AU

5.78 AU

5.53 AU

<e>

0.13

0.06

0.11

0.11

0.09

M %

16.84%

17.53%

18.14%

20.38%

22.22%

45°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.06 AU

5.49 AU

6.58 AU

6.13 AU

5.37 AU

<e>

0.13

0.25

0.30

0.24

0.19

My

20.30%

22.61%

17.43%

21.30%

25.24%

90°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.82 AU

5.54 AU

6.65 AU

5.88 AU

5.98 AU

<e>

0.08

0.03

0.08

0.03

0.06

M %

14.82%

20.90%

16.38%

18.55%

20.32%

135°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.95 AU

7.76 AU

6.78 AU

6.46 AU

6.55 AU

<e>

0.09

0.29

0.24

0.38

0.36

Moy

19.62%

17.88%

20.75%

23.74%

19.47%

180°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

7.73 AU

5.66 AU

6.58 AU

6.36 AU

6.18 AU

<e>

0.28

0.12

0.09

0.16

0.12

M %

12.22%

20.45%

16.25%

19.56%

17.76%
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Table B.5: Final Lagrangian radii 63.2% of the final total mass of the disk for the

model of the stellar perturber 1 M.

I'63.2%

Iper

OO

45°

90°

135°

180°

100 AU

40.63 AU

57.95 AU

47.58 AU

33.85 AU

27.82 AU

200 AU

44.71 AU

48.54 AU

52.10 AU

38.12 AU

41.21 AU

300 AU

47.40 AU

49.40 AU

51.41 AU

53.15 AU

44.09 AU

400 AU

48.28 AU

52.84 AU

57.41 AU

51.98 AU

62.26 AU

500 AU

52.32 AU

54.57 AU

56.81 AU

53.53 AU

58.73 AU
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Table B.6: Final mean distance <r>, final mean eccentricity <e> and final mass

accretion of the Jovian planet for each inclination and periastron of the orbit of

the stellar perturber 1 M.

OO

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.74 AU

5.89 AU

6.16 AU

5.85 AU

7.55 AU

<e>

0.05

0.23

0.08

0.31

0.24

M %

14.40%

22.13%

20.03%

23.12%

16.91%

45°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.90 AU

5.20 AU

6.89 AU

6.36 AU

6.63 AU

<e>

0.32

0.16

0.25

0.62

0.43

My

23.04%

25.20%

20.69%

22.78%

21.74%

90°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.54 AU

5.70 AU

6.81 AU

6.55 AU

6.24 AU

<e>

0.01

0.01

0.08

0.27

0.08

M %

16.64%

19.23%

14.45%

19.66%

19.99%

135°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.24 AU

7.09 AU

5.74 AU

7.45 AU

7.44 AU

<e>

0.33

0.04

0.41

0.71

0.22

Moy

21.56%

15.49%

24.35%

20.13%

18.33%

180°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.06 AU

5.70 AU

7.02 AU

5.96 AU

6.12 AU

<e>

0.18

0.10

0.04

0.06

0.09

M %

19.66%

21.35%

16.14%

17.81%

22.04%
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Table B.7: Final Lagrangian radii 63.2% of the final total mass of the disk for the

model of the stellar perturber 3 M,

I'63.2%

Iper

OO

45°

90°

135°

180°

100 AU

39.37 AU

50.44 AU

51.52 AU

38.85 AU

26.11 AU

200 AU

48.23 AU

65.53 AU

54.78 AU

40.40 AU

35.14 AU

300 AU

48.73 AU

68.18 AU

60.56 AU

53.23 AU

55.12 AU

400 AU

46.28 AU

70.23 AU

68.23 AU

65.96 AU

54.58 AU

500 AU

53.27 AU

53.56 AU

53.85 AU

52.59 AU

51.96 AU
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Table B.8: Final mean distance <>, final mean eccentricity <e> and final mass

accretion of the Jovian planet for each inclination and periastron of the orbit of

the stellar perturber 3 Mg,

OO

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.55 AU

6.05 AU

4.61 AU

5.82 AU

5.40 AU

<e>

0.06

0.42

0.27

0.12

0.12

M %

19.23%

21.34%

30.19%

21.52%

22.17%

45°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.07 AU

7.06 AU

5.74 AU

6.97 AU

6.92 AU

<e>

0.58

0.43

0.38

0.25

0.31

My

23.26%

19.54%

21.16%

21.22%

21.20%

90°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.19 AU

6.39 AU

6.12 AU

6.73 AU

5.12 AU

<e>

0.15

0.22

0.11

0.13

0.04

M %

20.13%

20.37%

20.84%

21.13%

24.84%

135°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

4.45 AU

5.20 AU

6.34 AU

6.35 AU

6.26 AU

<e>

0.46

0.15

0.64

0.28

0.66

Moy

27.09%

23.21%

23.45%

23.35%

25.48%

180°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.61 AU

7.62 AU

5.66 AU

6.12 AU

6.23 AU

<e>

0.10

0.62

0.12

0.20

0.18

M %

20.67%

17.19%

24.63%

20.65%

20.32%
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Table B.9: Final Lagrangian radii 63.2% of the final total mass of the disk for the

model of the stellar perturber 8 M,

I'63.2%

Iper

OO

45°

90°

135°

180°

100 AU

47.55 AU

26.89 AU

27.28 AU

28.02 AU

21.83 AU

200 AU

66.35 AU

45.83 AU

46.98 AU

35.48 AU

30.20 AU

300 AU

60.59 AU

55.85 AU

53.01 AU

43.03 AU

39.98 AU

400 AU

53.30 AU

52.44 AU

49.69 AU

48.79 AU

45.61 AU

500 AU

52.87 AU

55.63 AU

58.38 AU

53.32 AU

48.25 AU




121

Table B.10: Final mean distance, <r>, final mean eccentricity, <e> and final

mass accretion of the Jovian planet, M ;,,,%, for each inclination and periastron

of the orbit of the stellar perturber 8 Ms.

OO

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

7.42 AU

7.06 AU

5.97 AU

5.55 AU

5.93 AU

<e>

0.27

0.42

0.24

0.46

0.24

M %

17.48%

19.94%

24.28%

27.19%

22.59%

45°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

6.46 AU

4.53 AU

6.30 AU

8.14 AU

7.22 AU

<e>

0.70

0.19

0.70

0.42

0.58

My

23.42%

29.89%

22.97%

19.70%

18.96%

90°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.92 AU

6.66 AU

7.31 AU

4.95 AU

6.23 AU

<e>

0.16

0.20

0.69

0.09

0.17

M %

21.85%

17.54%

20.51%

26.90%

22.59%

135°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.73 AU

5.83 AU

5.19 AU

8.00 AU

6.53 AU

<e>

0.74

0.69

0.47

0.64

0.55

Moy

34.28%

27.24%

29.07%

19.37%

24.20%

180°

100 AU

200 AU

300 AU

400 AU

500 AU

<r>

5.00 AU

5.59 AU

6.67 AU

7.14 AU

4.72 AU

<e>

0.13

0.09

0.53

0.08

0.09

M %

25.86%

23.07%

21.36%

16.95%

28.23%
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